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Magnetic field is frozen in ideal 
MHD

Magnetic flux must be reduced 
to enable star formation

Magnetic braking is needed to 
remove angular momentum
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sources and added a huge number of new RMs, but the rather close frequency separation of the two
frequency bands leads to large RM errors and RM ambiguities, especially near the Galactic plane. A
new VLA Sky Survey (VLASS) at 2 – 4 GHz is underway (Lacy et al. 2020).

Another project to increase the number of RMs over the whole sky was undertaken at the Effelsberg
radio telescope. The combination of polarization data in 8 channels in two bands around 1.4 and 1.6
GHz enables an accurate determination of the RMs of the polarized sources. Some 1600 new RMs
were added and a preliminary result was given in Wielebinski et al. (2008). The data for 2469 sources
were used to model the Galactic magnetic field (Sun et al. 2008; section 3.5). An update by Xu & Han
(2014) reassessed the accuracy of published RMs and compiled a reliable catalogue. The coverage of
the southern sky was improved by a survey of compact sources in the southern hemisphere carried
out with the Australia Telescope Compact Array (Schnitzeler et al. 2019). These sightlines fill the gap
below declination -40° that is not covered by the RM catalogue from Taylor et al. (2009).

A well-sampled view of the entire Milky Way and its halo has been achieved (Fig. 13). The averaged
RMs towards EGRSs reveal the same mostly positive signs above and below the plane in the Galactic
longitude range between -160° and -120° (Fig. 13, right part) and mostly negative in the range +110°
to +150° (Fig. 13, left part): The local disk field seems to be part of a large-scale even-symmetric field
structure. A survey of RMs towards 641 EGRSs near the Galactic plane in the Galactic longitude
range +100° to +117° confirmed this symmetry (Mao et al. 2012a). RMs towards 2234 EGRSs towards
the outer Galaxy, derived from the Canadian Galactic Plane Survey (CGPS; Van Eck et al. 2021),
were also found to be even-symmetric (mostly negative) in an even larger longitude range, between
about +80° and about +160°, with a smooth trend from negative RMs to zero RMs from +130° to
+180° longitude. In the inner Galaxy, from +39° to +52° longitude, RMs towards 127 EGRSs near the
plane are mostly positive and even-symmetric, with very large RM values concentrated around the
tangent of the Sagittarius arm at +48° longitude (Shanahan et al. 2019).

Towards the inner Galaxy (between about -60° and +60° longitude) and away from the Galactic plane,
the RM signs are opposite above and below the plane and opposite west and east of the center, with a
pattern . The distance to the magnetic fields generating this pattern is not known; they may be
embedded  in  local  gas  clouds  (Wolleben  et  al.  2010b)  or  they  may  be  part  of  a  large-scale
antisymmetric field in the Milky Way’s halo (section 3.5). Remarkably, the region of this RM pattern
approximately coincides with the two huge bubbles of hot gas seen in X-rays that extend to about 14
kpc above and below the Galactic Center (Predehl et al. 2020), which calls for a detailed investigation.

Fig. 13: All-sky map of rotation measures in the Milky Way, constructed from the RM data of 55190
polarized extragalactic sources of the VLA NVSS survey and many other catalogs. Red: positive RMs,
blue: negative RMs (Hutschenreuter et al. 2021). Galactic longitude 0° (Galactic center) is in the map
center. Galactic longitude increases from right to left, Galactic latitude increases from bottom to top.
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Figure 2
All-sky maps of (a) synchrotron emission and (b) the polarization emission at 1,400 MHz, and of the synchrotron emission (c) at
23 GHz with E-vectors observed by WMAP and (d ) at 30 GHz observed by Planck combined with the 90◦-rotated polarization angles
for the fingerprints of the Galactic magnetic fields. Adapted with permission from (a,b) Reich & Reich (2009), (c) Bennett et al. (2013)
by the AAS, and (d ) Planck Collab. et al. (2016a) c⃝ESO.

expansion of supernova remnants in the ambient medium with a large-scale interstellar magnetic
field may produce bilateral symmetrical shells with an axis along the large-scale magnetic field
(e.g., Gaensler 1998, West et al. 2016).

2.2. Magnetic Fields in Extended HII Regions and Superbubbles
Extended HII regions or large bubbles of hot gas associated with massive stars stand out clearly
in the Hα sky image (Finkbeiner 2003). With local magnetic fields and/or enhanced density of
thermal electrons, they produce obvious imprints on the RM sky (Whiting et al. 2009, Stil et al.
2011). Some of them act as Faraday screens (for a model sketch see figure 4 of Wolleben & Reich
2004), causing depolarization in polarization maps of diffuse Galactic radio emission (e.g., Gray
et al. 1998, Sun et al. 2007, Gao et al. 2010).

There had been efforts decades ago (e.g., Heiles & Chu 1980) to measure magnetic fields
in HII regions from RMs of background radio sources with the electron density estimated from
emission measures. New observations led to a firm determination of magnetic fields in HII regions
and bubbles. By using RMs of an ensemble of background sources from the RM catalog (Taylor
et al. 2009) derived from the NVSS (NRAO VLA Sky Survey, here NRAO stands for National
Radio Astronomical Observatory, VLA for the Very Large Array) archived polarization data and
estimating the electron density from the surface brightness from an Hα survey (Finkbeiner 2003),
Harvey-Smith et al. (2011) showed an excess of RMs from five HII regions (one example is shown
in Figure 3) and derived the strength of the magnetic field component parallel to the line of sight
as being in the range of 2–6 µG, assuming a filling factor (i.e., the fraction of occupied space)
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FIGURE 2. Starlight polarization vectors in Galactic coordinates for a sample of 5513 stars. The upper panel shows polarization
vectors in local clouds, while the lower panel displays polarization averaged over many clouds in the Galactic plane. The length of
the vectors is proportional to the polarization degree and the scale used is shown in the lower panel.

A more quantitative account of this fact is summarized in Table 1, where we give the mean stellar parameters (i.e,
polarization degree P(%) and extinction as measured by the color excess E(B-V)) in the subsample as a function of
latitude and distance. It is seen that low-latitude stars have large values of the polarization degree P(%) ≈ 1.7, and
extinction E(B-V) ≈ 0.5, while high-latitude sources exhibit significantly lower values, P(%) ≈ 0.5, E(B-V) ≈ 0.15.
Polarization vectors (defined with respect to Galactic coordinates) are typically oriented along the Galactic plane
(θp ≈ 90◦) although a more detailed analysis reveals a rich spatial distribution (see Fig 2 and discussion below).

STARLIGHT POLARIZATION AND GALACTIC MAGNETIC FIELD

It is generally accepted that grains in diffuse interstellar gas tend to be aligned with their major axes perpendicular to
the magnetic field. 1 According to this picture, the electric field of radiation transmitted by an interstellar dust grain
is less absorbed along the grain minor axis and therefore polarized in that direction which is parallel to the external
magnetic field orientation. Thus, polarized starlight radiation vectors are oriented parallel to the Galactic magnetic
field [32]. This polarization mechanism is usually referred to as differential absorption.
Since starlight polarization vectors are only seen as projected in the plane of the sky, they just give us direct

information on the plane-of-the-sky projection of the Galactic magnetic field orientation. As shown in Fig 2, there

1 There is no consensus as yet in relation to what alignment mechanism is the dominant in the interstellar environment [23], [25]. Currently, the
radiative torque mechanism seems the most promising [5, 6].

Optical polarization, 9286 stars, Heiles 2000

Synchrotron polarization at 23 GHz, Bennett et al. 2013

Dust polarization, Planck XXXV 2015

55190 RMs, Hutschenreuter et al. 2021



What’s Plane-of-sky B Field Direction?

Direction (vector)

Orientation (segment)

Observations in OIR

Observations in FIR to mm
Scattering by dust Dichroic extinction by aligned dust

Polarized thermal emission by 
dust aligned by B

Courtesy: Tamura 

Stahler & Pallo 2004

A thermalized ISM 
elongated grain tends 
to spin along its 
minor axis: 𝜔 ⟶ B

𝑩
Davis-Greenstein
alignment mechanism
--- paramagnetic 
dissipation

http://bgandersson.net/grain-alignment

𝜔

Chap 9 Zeeman
11

Figure courtesy: Tamara



How to Determine B Field Direction?
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ANALYSIS OF ZEEMAN EFFECT DATA IN RADIO ASTRONOMY 
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Astronomy Department, University of Illinois 
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ABSTRACT 
We discuss the analysis of Zeeman effect data in radio astronomy and in particular, extend previous 

techniques to include the case of low signal-to-noise ratios. We consider three statistical techniques for 
estimating the line-of-sight magnetic field: maximum likelihood, least-squares, and Wiener filters. For high 
signal-to-noise ratios, all three estimators are essentially unbiased. In the poor to moderate signal-to-noise 
ratio regime, we conclude that all three estimators are biased; the maximum likelihood technique yields results 
that are, in general, substantially less biased than least-squares and Wiener filters. However, it is possible to 
“debias” the least-squares results and obtain estimates that are as good as maximum likelihood under a 
restricted set of conditions. 
Subject headings: magnetic fields — radio sources: general — Zeeman effect 

I. INTRODUCTION 
The Zeeman effect provides a direct method for measur- 

ing the strength of a magnetic field that permeates a gas. The 
splitting of spectral lines (in emission or absorption), in the 
weak field case, is proportional to the magnetic field strength. 
This relatively simple principle has induced many to use the 
Zeeman effect as a probe of astrophysical magnetic fields 
(e.g., Verschuur 1969; Troland and Heiles 1986, and refer- 
ences therein). 

In this paper, we discuss statistical methods by which the 
magnetic field strength can be estimated from Zeeman data. 
However, we will not be concerned in any detail with instru- 
mental effects (see Troland and Heiles 1982, and references 
therein), which should always be carefully analyzed before 
Zeeman data is interpreted. Nor will we discuss any inherent 
ambiguities in the astrophysical interpretation of Zeeman 
data. 

In general, Zeeman experiments have been in the regime 
of very high signal-to-noise ratio total intensity spectral lines 
(e.g., Kazes and Crutcher 1986); in this case, the analysis 
with least squares is fairly straightforward. However, this is 
the only statistical estimator that has been considered in the 
literature up to this time. In this paper we investigate analy- 
sis techniques for the low signal-to-noise ratio case. We show 
that the linear least-squares and Wiener filter techniques 
lead to badly biased results, and that the maximum likeli- 
hood approach is superior (although still biased) in this 
regime. We also find that under certain restricted conditions, 
it is possible to “debias” the least-squares estimate to pro- 
duce results that compare favorably with maximum likeli- 
hood. In addition we show that for high signal-to-noise 
ratios, all three of these estimators are unbiased. Finally, we 
consider the effects of spectral and spatial correlations of the 
noise and suggest methods with which to deal with them. 

This paper is organized as follows. In § II we introduce 
the basic equations which describe the response of a radio 

telescope to the Zeeman split lines. In § III we discuss 
statistical estimation of the Zeeman splitting. These methods 
are then applied to simulated data in § IV for evaluation, 
and we summarize our findings in § V. Detailed treatment of 
the statistical methods summarized in § III is described in 
the appendices. 

II. RADIO OBSERVATIONS OF THE ZEEMAN EFFECT 

a) The Zeeman Effect 
The Zeeman effect is the splitting of spectral lines into 

multiple components because of the application of an exter- 
nal magnetic field which removes degeneracies in atomic or 
molecular quantum levels (e.g., Townes and Schawlow 1975). 
In principle, the Zeeman pattern of lines can become rather 
complicated. However, in practice, a simple triplet pattern 
(one unsplit and two split components) is generally all that is 
necessary to consider when making astrophysical measure- 
ments. Although each of the triplet lines may really consist 
of a group of closely spaced lines (e.g., the 1667 MHz OH 
line), the spacing is generally substantially below the spectral 
resolution of the observation for typical astrophysical mag- 
netic field strengths. 

Of fundamental importance to Zeeman experiments are 
the polarization characteristics of the lines. The split lines 
are circularly and oppositely polarized, the electric vectors 
rotating in the plane perpendicular to the magnetic field 
direction. The unsplit line is linearly polarized in the direc- 
tion of the field. Thus, when observed along the field, the 
unsplit line is not detected and the split lines are completely 
circularly polarized. When observed in the direction perpen- 
dicular to the magnetic field, all three lines appear linearly 
polarized; the unsplit line in the direction of the field, the 
split lines perpendicular to the field. The general case of an 
arbitrary viewing angle, of course, yields elliptical polariza- 
tion for the split lines. 
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LINEAR POLARIZATION OF INTERSTELLAR RADIO-FREQUENCY 
ABSORPTION LINES AND MAGNETIC FIELD DIRECTION 

Nikolaos D. Kylafis 
Institute for Advanced Study, Princeton 

Received 1983 February 14; accepted 1983 May 5 

ABSTRACT 
It is predicted that interstellar radio-frequency absorption lines in the direction of H n regions, 

supernova remnants, and hot cores of molecular clouds are linearly polarized. The amount of linear 
polarization may be as large as several percent if (1) the optical depth is moderate and (2) the 
number of extrema of the velocity component along the line of sight through the absorbing 
medium is small. The polarization is caused by the linear dichroism of the interstellar medium, 
which in turn arises from the non-LTE population of the magnetic sublevels. Analytic expressions 
are presented for the amount of polarization expected in radio-frequency lines from absorbing 
material undergoing one-dimensional, two-dimensional axisymmetric, and three-dimensional 
isotropic collapse. A relation is given between the polarization vector and the magnetic field direction. 
This relation applies when the Zeeman splitting exceeds both the collisional frequency and the 
radiative transition rate. 
Subject headings: interstellar: magnetic fields — nebulae: general — polarization — 

radiative transfer — radio sources: lines 

I. INTRODUCTION 
Radio and infrared emission lines, coming from molecular clouds, may possess a few percent linear polarization. 

Observation of such polarization has been proposed as a probe of the interstellar magnetic field direction 
(Goldreich and Kylafis 1981, 1982). The polarization in these lines is due to the non-LTE population of the 
magnetic sublevels, which is a result of the anisotropic radiation field in the molecular cloud; the anisotropy in 
the radiation field is a result of the local anisotropic optical depth. 

It is pointed out here that it is actually more likely for interstellar absorption lines in the radio domain to be 
linearly polarized than it is for emission lines. Absorption lines occur when continuum radiation from a 
background source passes through the interstellar medium. The background source can be an extragalactic radio 
source or a source in the molecular cloud itself, such as an H n region, a supernova remnant, or a hot dense 
core. As in emission lines, polarization in radio-frequency absorption lines arises because of the non-LTE 
population of magnetic sublevels. Such non-LTE populations make the optical depths for the two kinds of linear 
polarization unequal along the line of sight. Thus, initially unpolarized light becomes partially linearly polarized 
as it passes through the absorbing medium. 

Non-LTE populations in magnetic sublevels can be sustained if the radiative transition rates are unequal. But 
the radiative rates are unequal if the radiation field at the point of absorption is anisotropic. Therefore, an 
anisotropic radiation field makes the radiative transition rates unequal; these unequal rates in turn populate magnetic 
sublevels unequally, thus making the optical depths for the two kinds of polarization unequal, with the result of 
linear polarization in the absorption line. 

The radiation field in the absorbing molecular cloud is the sum of two components: the internal field, whose 
anisotropy depends on the anisotropy of the local optical depth (or equivalently on the anisotropy of the local 
velocity field), and the anisotropic radiation coming from the background source. If this background source is 
close to the point of absorption, as is the case, for example, of hot dense cores of molecular clouds, then the 
anisotropy in the radiation field is large and the polarization can reach several percent. A qualitative account of the 
polarization expected in radio-frequency absorption lines was given in Kylafis and Shapiro (1983). 

In this paper, I calculate the amount of linear polarization expected when radiation passes through a molecular 
cloud which is undergoing one-dimensional, two-dimensional axisymmetric, or three-dimensional isotropic collapse. 
The formalism presented here is a generalization of that presented in Kylafis (1983 hereafter Paper III). As a 
consequence, several formulae are omitted from this paper and reference is made to Paper III. 

In § II a qualitative discussion is given of why and under what conditions linear polarization arises. In § III the 
basic equations that enable one to compute the expected polarization are presented. In § IV these equations are solved 
analytically, and the polarization direction is related to the magnetic field direction. In § V some specific examples 
are given, and in § VI the results are summarized. 

Readers who are interested only in the qualitative aspects of this paper may omit §§ III and IV and read 
especially §§ II, V, and VI. The basic result of §§ III and IV is given by equation (11). 
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“If the splitting was large enough that 
all three Zeeman components were 
well-separated, then the total 
magnetic field strength could be 
obta ined from the measured 
separation of the split components.”

“observations of linear polarization in 
radio-frequency absorption lines … 
are guaranteed to be informative.”



Spectral-line Polarization: Goldreich-Kylafis Effect
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Circularly polarization
Line-of-sight magnetic field 

Goldreich-Kylafis Effect
Linearly polarization
Plane-of-sky magnetic field
Either parallel or perpendicular orientation 

Kylafis et al. 1983
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HHT is a 10 m diameter telescope operated jointly by
Steward Observatory and the Max-Planck-Institut fu� r
Radioastronomie. A single-element, He3-cooled bolometer
with a central wavelength of 1.3 mm and a bandpass of D60
GHz was used for the observations. Polarization was
modulated with a rotating, room-temperature, Rexolite j/2
plate and analyzed with a stationary, room-temperature
wire grid. Walker, & Young describe the pol-Glenn, (1997)
arimeter design, calibration, performance, and data
reduction in detail. The systematic, instrumental polariza-
tion of 1.1% was removed from the data and does not con-
tribute signiÐcantly to the uncertainty of the observed
polarization. The position-angle zero-point registration was
determined by (1) observing Jupiter with a polarizing wire
grid of known orientation in the beam path preceding the
waveplate and (2) with observations of the (radially
polarized) limb of the Moon. In addition to the 2¡ internal
error listed in there is a systematic uncertainty ofTable 1,
^5¡ in the position angle resulting from the calibrations.

3. RESULTS

3.1. HCO` J \ 1È0 Spectropolarimetry
The emission-line polarization for each object is listed in

The second and third columns are the coordinatesTable 1.
of the objects, and the fourth and Ðfth columns are o†sets to
the observed positions. Upper limits of 3 p are given for
Mon R2 and IRAS 16293[2422, and the polarization is
bias subtracted for DR 21. The uncertainties of the polar-
ization and position angles in Tables and are the inter-1 2
nal 1 p uncertainties. The systematic uncertainty of D4¡,
due to the uncertainty in the noise tube orientation, is not
included.

We concentrate our analysis on DR 21 because of the
high-quality HCO` J \ 1È0 interferometry and imagesH2

and spectra available for comparison. The 1995 May Ñux
spectrum and the co-added 1995 May and 1994 June nor-
malized Stokes parameter spectra of DR 21 are presented in

The absorption in the Ñux spectrum atFigure 1. vLSR D 10
km s~1 is due to the intervening cloud W75N et al.(Phillips

No signiÐcant polarization detections are present in1981).

FIG. 1.ÈHCO` J \ 1È0 (89.188518 GHz) spectropolarimetry toward
the southwestern outÑow lobe of DR 21. The top panel is the antenna
temperature, and the bottom panels are the normalized Stokes parameters
Q and U. The error bars denote the 1 p uncertainties, and the horizontal
lines through the points denote the widths of the bins for each point. For
clarity, the data for km s~1 and km s~1, which havevlsr [ 20 vlsr \ [30
very large uncertainties, have been omitted.

TABLE 1

OUTFLOW SPECTROPOLARIMETRY

*a *d P PA
Source aB1950 dB1950 (arcsec) (arcsec) Transition (percent) (deg)

DR 21 . . . . . . . . . . . . . . . . . . . . 20 :37 :14.8 ]42 :08 :56 [60 [18 HCO` 1È0 0.24 ^ 0.04 47 ^ 5
Mon R2 . . . . . . . . . . . . . . . . . . 06 :05 :20.3 [06 :22 :31 ]25 [59 HCO` 1È0 \0.4 . . .
IRAS 16293[2422 . . . . . . 16 :29 :20.9 [24 :22 :13 [30 ]00 CS 2È1 \1.2 . . .

NOTE.ÈUnits of right ascension are hours, minutes, and seconds, and units of declination are degrees, arcminutes, and
arcseconds.

TABLE 2

CONTINUUM POLARIMETRY OF DR 21

j )FWHM P PA
(km) (arcsec) a(1950) d(1950) (percent) (degrees) References

115 . . . . . . . 35 20 :37 :14.0 42 :09 :12 1.1 ^ 0.3 25^ 7 1
350 . . . . . . . 17 20 :37 :14.0 42 :09 :12 1.5 ^ 0.6 21^ 11 1
450a . . . . . . 20 :37 :14.5 42 :09 :00 2.3 ^ 0.4 46^ 5 2
800 . . . . . . . 19 20 :37 :14.5 42 :09 :00 D2.4 D21 2
800 . . . . . . . 14 20 :37 :14.5 42 :09 :00 D2.3 D26 3
1100 . . . . . . 19 20 :37 :14.3 42 :08 :55 3.3 ^ 0.3 26^ 3 4
1300 . . . . . . 27 20 :37 :14.5 42 :09 :15 4.5 ^ 1.1 15^ 7 5
1300 . . . . . . 33 20 :37 :14.5 42 :09 :00 1.7 ^ 0.2 16^ 3 6
2000 . . . . . . 42 20 :37 :14.8 42 :08 :56 0.77 ^ 0.13 2^ 5 7

NOTE.ÈUnits of right ascension are hours, minutes, and seconds, and units of declination are
degrees, arcminutes, and arcseconds.

a Beam size not reported.
REFERENCES.È(1) et al. (2) & Murray (3) & Murray (4)Dowell 1996 ; Flett 1991 ; Minchin 1994 ;

et al. (5) et al. (6) et al. (7) This paper.Tamura 1995 ; Kane 1993 ; Glenn 1997 ;

The Astrophysical Journal Letters, 751:L20 (5pp), 2012 May 20 Girart et al.

Figure 2. Color image of the linearly polarized intensity of the CO 3–2 (left panel), SiS 19–18 (central panel), and CS 7–6 lines (right panel), overlapped with the
contour maps of the I emission for the respective lines. The orange bars represent the polarization vectors. The CS and CO maps show the emission at the vLSR velocity
of −29 km s−1 averaged over 16 km s−1. The SiS map shows the emission at vLSR = −31.5 km s−1 averaged over 20 km s−1. The contour levels are 5%, 10%, 20%,
30%, 40%, 50%, 60%, 70%, 80%, 90%, 95% of the peak intensity. The wedge shows the polarized intensity scale in units of Jy beam−1. The synthesized beam is
shown in the bottom left corner of each panel.

SiS 19–18 lines. Figure 2 shows the polarization maps for
the emission of these lines averaged over the velocity range
that maximizes the polarized emission, which is different for
each line.

The CO 3–2 lines is the strongest line detected in our
observations (the line is 50% brighter than the other two lines in
the shortest baselines of the visibility plane). This line emission
is known to be spatially very extended, much beyond the primary
beam of the SMA antennas (Truong-Bach et al. 1991). However,
the SMA filters out the CO emission that arises from structures
larger than about 10′′ (Girart et al. 2006), so the detected
emission appears relatively compact. Indeed, the CO averaged
emission over the blueshifted component shown in Figure 2
has a relatively compact component (with a radius of ≃ 2′′),
surrounded by a weak component that extends up 5′′ from
the center at an intensity level of about 5% of the maximum.
The CS and SiS also show a compact component with similar
dimensions, but they lack the weaker and extended component.
The Stokes I emission of the three lines has a similar brightness,
≃120 K for the CS and SiS and 150 K for CO.

The rms noise of the Stokes Q and U emission appears to
slightly increase in the channels where the line emission is
brightest. This effect is seen in the three lines, though at different
levels, from a maximum increase of 5%, 13%, and 20% for the
CS, SiS, and CO lines, respectively. This increase is probably
produced by the residual leakage (estimated to be of ≃0.1%,
Marrone & Rao 2008) as the total intensity is very strong in
the central channels. The larger increase for the CO may be
because it is the most extended and the brightest line (especially
in the shortest baselines). Taking into account this increase of
noise, there is still significant emission in the Stokes Q and U
maps of the SiS at the ≃6σ level, and in CO and CS lines at
the ≃5σ level. The linear polarization maps were computed by
using a 3σ cutoff, where σ is the rms noise in the map where
the polarization is detected.

The CO linear polarization arises from both the U and Q
components, being relatively bright in the later. The CS and
SiS lines show mainly polarized emission in the U component.
Interestingly, the polarized emission in the three lines appears
to be blueshifted with respect to the total intensity.

In order to derive the polarization pattern in the plane of
the sky, we have computed polarization maps with the emis-
sion averaged over the velocity range where the polarization
intensity is detected (see Figure 2). The polarization degree at

the position where it is strongest is ≃2% for the CO and SiS
lines, and ≃4% for the CS. The CO 3–2 polarization arises
from two spots, one at the center of IRC+10216 and the other
located ≃3′′ to the east. The polarization vectors are oriented
roughly north–south, changing slightly from a position angle of
P.A. = −11◦ at the eastern spot to −25◦ at the central spot.
The SiS 19–18 polarized emission arises mainly from the north-
eastern quadrant of the IRC+10216 envelope (the polarization
peak is located ≃ 2.′′6 from the center’s envelope). There are two
other small spots with a polarized emission too marginal to be
further considered here. The polarization of the main component
has a mean position angle of about −41◦, but the pattern of the
polarization vectors appear to form an arc, roughly following
the contours of the Stokes I emission. The CS 7–6 polarization
arises from the envelope’s southwestern quadrant (the polariza-
tion peak is located ≃ 2.′′9 from the center’s envelope). The
polarization P.A. pattern is quite uniform with an average value
of ≃ 48◦.

The SiS polarization vectors’ pattern suggests a radial dis-
tribution. Therefore, we have compared the polarization vector
direction with the expected radial direction (with respect to the
envelope center) at the position of the vectors. Figure 3 shows
the difference between the polarization vectors and the radial
directions. On one hand, the SiS polarization vectors are all al-
most perpendicular to the radial direction, i.e., they form a nearly
perfect concentric arc-like pattern with respect to the envelope’s
center. On the other hand, and despite the low polarization statis-
tics, this is not the case for the CO and CS polarization vectors.

4. DISCUSSION AND CONCLUSIONS

The detailed analysis of the population of the magnetic sub-
levels in rotational lines show that the highest polarized emission
is expected for volume densities similar to the critical density
of the observed transition, and depending on the transition and
on the molecule, the polarization can still be significant even
at densities ten times higher (Deguchi & Watson 1984). This
suggests that the polarization detected in the CO 3–2 line should
arise at volume densities of ∼104 cm−3 in the outer regions of
the shell, whereas the SiS 19–18 and CS 7–6 polarization is
expected to trace inner regions, at densities of ∼107 cm−3.

One of the interesting features is that in the three lines
the linear polarization is blueshifted with respect to the total
emission (this effect is more significant in the SiS line).

3

HCO+ 1-0, DR21
NRAO 12m, Glenn et al. 1997

SiS 19-18, IRC+10216
SMA, Girart et al. 2012

CO 2-1, NGC1333 IRAS4A
BIMA, Girart et al. 1999

SiO 8-7,HH211
 ALMA, Lee, Huang, Ching et al. 2018

CO 3-2, 13CO 3-2, TW Hya
 ALMA,  Teague et al. 2021

We show the resulting averaged spectra in Figure 5. In each
panel, the Stokes I component, shown in black, has been scaled
down by a factor of 500, 100, and 50 for 12CO, 13CO, and CS,
respectively. Error bars on these components are too small to
be seen in the figure. The Q and U components, shown in
orange and gray, respectively, are binned to their native
spectral resolution of 30 m s−1; we plot their associated
1σ uncertainties. To highlight any trends in the data, we plot
a smoothed spectrum (solid line) using a top-hat function with
a 250 m s−1 width. No signal in either the Q or U components
can be seen for either the 13CO or CS emission. The 12CO
emission shows a tentative feature in both the Q and U
components, with a positive peak in Q at v≈ 2.8 km s−1 and a
negative peak in U at v≈ 2.9 km s−1. However, features of a
similar magnitude are seen across the whole velocity range
(shown in the bottom row of Figure 5), precluding the
confirmation of a true signal.

3.2. Teardrop Plots

An extension to the aligning and averaging approach is to
use a modified position–velocity diagram (which we call a
“teardrop” plot), which is a radially resolved counterpart to the
disk-averaged spectrum discussed in the previous section. As
demonstrated in Figure 6, each row in a teardrop plot represents
the aligned and averaged spectrum at a certain radius in the
disk. As the spectra have all been aligned due to the velocity
shift, all line centers align along the systemic velocity of
2.84 km s−1. At larger radii, the line becomes weaker, but also
narrower due to the reduced thermal broadening from the lower
temperature gas. The radially decreasing intensity can be easily

seen by taking horizontal cuts at various radii, as shown in the
right-hand column of Figure 6, while the change in the width is
most noticeable for disk radii 1″. A slightly more complex
aspect of this representation of the data is that the rms noise, σ,
estimated using line-free regions, is no longer constant, but
rather dependent on the radius. This is because at larger radii,
more independent samples are used in the averaging such that
σ(r)∝ r−0.5. Note that this only describes the thermal noise; the
radially varying sensitivity due to the primary beam response
will result in radially increasing σ in the primary-beam
corrected images, such that σ will drop off at a slightly slower
rate than r−0.5.
We first consider a simple azimuthal average, as in

Section 3.1, with the results shown in the left two columns of
Figure 7, where the gray dashed outline shows the 3σ contour
of the Stokes I component. No clear signal is seen in either the
Stokes Q or U components for any of the three molecules, as
expected from the disk-averaged approach described in the
previous section.
However, for an azimuthally symmetric polarization morph-

ology, the Q and U components have a strong azimuthal
dependence. For example, for the case of a radial polarization
morphology given by (Qrad, Urad), or a circular polarization
morphology given by (Qcirc, Ucirc), we find,

( ) ( ( ) ( )) ( )y yµQ U, cos 2 , sin 2 , 4rad rad

( ) ( ( ) ( )) ( )y p y pµ + +Q U, cos 2 , sin 2 , 5circ circ

where ψ is the position angle, measured east of north. As such,
an average of any of these components over the interval
(−π, + π) will average out to zero. To account for this

Figure 5. Top: the disk-averaged spectra after aligning and averaging all components. 12CO, 13CO, and CS emission are shown from left to right. The black, orange,
and gray lines show the Stokes I, Q, and U components, respectively. The Stokes I components have been scaled by the factor shown in the legend in order to be
plotted on the same y-axis. The semitransparent lines show the aligned and averaged spectra at a channel spacing of 50 m s−1, with error bars representing their
associated 1σ uncertainties. The solid orange and gray lines show the average spectrum smoothed with a top-hat function with a 250 m s−1 width, in order to bring out
any underlying trends in the spectrum. Note that unlike the 13CO and CS emission, the 12CO Stokes I component deviates from a Gaussian profile, as the line is highly
optically thick. Bottom: same as the top row, but with extended velocity ranges.
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similar resolution but much higher sensitivity found no clear
rotation. Therefore, with the velocity (~0.42 km s−1 per channel)
and spatial (~64 a.u.) resolutions in our observations, we can
assume an upper limit of ~27 a.u. km s−1 for the jet-specific
angular momentum. Then, using a jet velocity20,35 of ~150 km s−1

and a protostellar mass of ~0.05 Mʘ
22, the jet-launching radius is

estimated to be ≲0:06 a:u:36 and thus more consistent with the X-
wind model. In a typical X-wind model for a low-mass protostellar

jet-like HH 211, the magnetic field strength is expected to be
≳6mG for a jet cylindrical radius of ≲25 a:u:37. Hence, the esti-
mated field strength from our observations is about 2.5 times as
high as the expected, probably reasonable considering a shock
compression in the subknots and all the uncertainties in the
measurements. The resulting magnetic pressure will be B2/8π≳
8.9 × 10−6 dyne cm−2. This is much higher than the thermal
pressure in the subknots, which is 1:2nH2

kT ≳1.7 × 10−7 dyne
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Fig. 4 A comparison of polarized SiO emission with polarized dust continuum emission in HH 211. The asterisk marks the position of the central driving
source. Black and gray contours show the blueshifted and redshifted jet components, respectively, with their contour levels the same as in Fig. 2. Magenta
line segments show the polarization orientations of the polarized SiO emission. Blue contours and orange line segments show the intensity and the
orientations of the polarized emission in continuum at 350 GHz, obtained alongside in our ALMA observations (Lee et al., in preparation)
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Fig. 5 Possible toroidal fields in the HH 211 jet. Yellow line segments indicate the possible toroidal fields obtained by rotating the polarization orientations
by 90°. The asterisk marks the position of the central driving source. Blue image with the blue contours shows the blueshifted jet component. Red image
with the red contours shows the redshifted jet component. The contour levels are the same as in Fig. 2

Table 1 Correlator setup

Spectral window Line or continuum Number of channels Central frequency (GHz) Bandwidth (MHz) Channel width (kHz)

0 SO NJ= 89− 78 480 346.533 117.187 244.141
1 CO J= 3 – 2 480 345.800 117.187 244.141
2 SiO J= 8 – 7 960 347.335 468.750 488.281
3 HCO+ J= 4 – 3 960 356.739 234.375 244.141
4 Continuum 960 358.005 1875.000 1953.125
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unheard of and likely nonphysical, even under strong rotation,
which we do not have evidence for at the scales traced by the
CS polarized emission. Our interpretation that the CS
polarization traces the inferred magnetic field shape is also
supported by the C33S(J= 5→ 4) results, which agree well
with the CS polarization, particularly at velocities of −4 and
−2 km s−1. These three independent polarization tracers show
essentially the same result, which is a magnetic field
morphology with an “hourglass” shape over the main cores
in NGC 6334I(N).

4.2. Tomography of Magnetic Fields

Hourglass magnetic field morphologies have long been
predicted by magnetically regulated star formation models
(e.g., Mouschovias 1976; Mouschovias & Morton 1985) and
may be the result of ambipolar diffusion (Mouschovias 1991).
This field morphology has been seen in a number of low- and
high-mass star-forming regions and at different length and
mass scales (Schleuning 1998; Girart et al. 2006, 2009; Maury
et al. 2018; Beltrán et al. 2019). In the magnetically regulated

Figure 7. Same as Figure 5, but here we show the C33S (J = 5 → 4) emission. The total intensity of the C33S emission is shown in gray scale. The polarized emission
from CS is shown in orange pseudo-vectors while the polarized emission from C33S is shown in semitransparent green pseudo-vectors. The significance of the
polarization pseudo-vectors is 3σ after debiasing, where the average channel map noise level, before debiasing, is s má ñ = 770 Jy beam−1.
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CS C33S 5-4, NGC 6334I(N)
ALMA, Cortes et al. 2021



SMA Observations in NGC1333 IRAS4A

1.2 M⊙ Class 0 protostellar binary 4A1 & 4A2 with prominent outflows

A text-book example of magnetic dominated star formation

dust polarization
Girart et al. 2006

MHD model
Fiedler & Mouschovias 1993 

CO 3-2 polarization, Ching et al. 2016
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In the presence of a magnetic field, a molecular rotational level splits into magnetic sublevels5

and emits polarized radiation. The Goldreich-Klafis e↵ect (GK e↵ect) predicts that owing to the6

unequal population of the magnetic sublevels and anisotropic optical depth, the orientation of net7

polarization can be either perpendicular or parallel to the projection of the magnetic field on the8

plane of the sky1, 2. In general, the GK e↵ect produces a maximum polarization when the velocity9

flow and magnetic field are perpendicular to the line of sight3, and hence most of the measurements10

of GK e↵ect have been obtained toward protostellar jets and outflows lying close to the plane of11

sky (e.g. refs. 4–6). Since the linear polarization of molecular line arising from the GK e↵ect12

probes the plane-of-sky magnetic field and the total emission of molecular line probes the amount13

of gas moving along the line of sight, the curl of the magnetic field strength (Bx, By) inferred14

from molecular line polarization and the electronic current (Jz) inferred from molecular line total15

emission satisfy the Ampère law in Maxwell’s equations16
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where in Equatorial coordinate system, x is the axis of declination from south to north, y is the axis17
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In theory, Xe ~ 10-7-10-8, Xv ~ 10-2-10-3

In observation, Xe ~ 10-6-10-8 (Caselli et al. 1998), Xv < 10-1 at 
100 au (Yen et al. 2018)

Xe and Xv

460 CHAPTER 41

Figure 41.1 Geometry for ambipolar diffusion. B is the magnetic field strength at the
cloud center; field lines are moving out of the cloud with velocity vin relative to the
neutral gas.

of magnitude below the Φ/M estimated for a ∼ 1M⊙ clump in a cloud of den-
sity nH ≈ 104 cm−3. Therefore, nearly all of the magnetic flux that was initially
present in this gas must escape before we are able to observe the T Tauri star.

The mechanism for this escape is presumably the process known as ambipolar
diffusion. The magnetic field is coupled only to charged particles – electrons, ions,
and charged dust grains. It remains a good approximation to assume the magnetic
field is “frozen” into the plasma (i.e., the charged particles), but the plasma can
drift relative to the neutral gas.

In a dense molecular cloud, the fractional ionization is extremely low (see Fig.
16.3), and the mass density in the plasma is almost negligible. If we ignore the
inertia of the plasma, then the instantaneous velocity of the plasma is such that the
J ×B/c force per volume is exactly balanced by the force/volume resulting from
collisions of charged particles with neutrals:

1

c
J×B = −ninn

mimn

mi +mn
⟨σv⟩mt (vi − vn) , (41.54)

where ⟨σv⟩mt is the momentum transfer rate coefficient for ion-neutral scattering
[see Eq. (2.39)]. If we assume that gradients are perpendicular to the magnetic field
lines (B ·∇ → 0), then

(vi − vn) = − (mi +mm)

mimn

1

ninn⟨σv⟩
∇B2

8π
. (41.55)

Suppose that a clump has characteristic magnetic field strength B and characteristic
dimension L (see Figure 41.1). The time scale for the magnetic field to slip out ofGRAVITATIONAL COLLAPSE AND STAR FORMATION: THEORY 461

the clump is

τslip =
L/2

|vi − vn|
=

8π(L/2)2

B2
ninn⟨σv⟩

mimn

(mn +mi)
. (41.56)

where we have approximated ∇B2 ≈ B2/(L/2). To evaluate this, suppose that
(1) L ≈ 1.23n−0.81

4 pc (Eq. 32.12), (2) the magnetic field strength is given by the
observed relation B ≈ 49n0.65

4 µG for the median field strength [Eq. (32.17)], and
(3) the fractional ionization ni/nH ≈ 1× 10−7n−1/2

4 (see Fig. 16.3). Then,

τslip ≈ 7× 107n−1.42
4 yr . (41.57)

At densities nH >∼ 105 cm−3, this time scale is short enough (<∼ 3 × 106 yr) that
ambipolar diffusion may be able to reduce the magnetic flux in a contracting clump.
For nH >∼ 2 × 106 cm−3, the ambipolar diffusion time from Eq. (41.57) is shorter
than the gravitational free-fall time (3π/32Gρ)1/2 = 4.5× 105n−0.5

4 yr.
At very high densities, much of the free charge is located on dust grains. The

ambipolar diffusion time is affected by the effect of grains on the ionization balance
(see §14.8), and by the coupling of charged grains to both the magnetic field and
the neutral gas. The dynamical evolution of dense cores is therefore sensitive to the
distribution of grain sizes present; at these densities, the grain size distribution is
expected to have been modified by coagulation and fragmentation, but the details
are not yet clear.

41.5 Angular Momentum Problem

The discussion thus far has neglected rotation, but self-gravitating cores will gener-
ally have nonzero angular momentum. Consider a region of mass M , initial radius
R0, and angular momentum J , and neglect coefficients of order unity that depend
on the density distribution in the cloud. If the core is uniformly rotating, the rota-
tional kinetic energy

Erot ≈
J2

(4/5)MR2
∝ 1

R2
, (41.58)

while the gravitational self-energy

|Egrav| ≈
6GM2

5R
∝ 1

R
. (41.59)

It is, therefore, clear that if the cloud contracts with J = const, the rotational
kinetic energy will stop contraction at a radius

Rmin ≈ (J/M)2

GM
= 8× 1015

(
J/M

1021 cm2 s−1

)2 M⊙
M

cm . (41.60)
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Figure 16.3 Fractional ionization in a dark cloud, estimated using Eq. (16.25), with
the grain recombination rate coefficients set to k16.20 = k16.22 = 10−14 cm3 s−1

(see Fig. 14.6). The dashed line is a simple power-law approximation xe ≈ 1 ×
10−5(nH/ cm

−3)−1/2.

Substituting (16.24) into (16.23), we obtain a quadratic equation for n(MH+)/nH,
from which we obtain

ne

nH
=

[
B2 + 4k16.19ζCR(1 + φs)/nH

]1/2 −B

2k16.19
, (16.25)

A= k16.19

(
1 +

k16.21
k16.22

nS

nH

)
, (16.26)

B= k16.20 + k16.21
nS

nH
. (16.27)

The fractional ionization estimated using Eq. (16.25) is shown in Figure 16.3,
where it is seen to vary approximately as 1/

√
nH, reaching fractional ionizations

of ∼ 10−7 for nH ≈ 104 cm−3 for an assumed cosmic ray ionization rate ζCR ≈
1× 10−16 s−1.

From this, we see that at points deep enough within a dark molecular cloud,
where starlight cannot maintain a high ionization fraction for elements with IM <
IH, cosmic rays can maintain only a very low fractional ionization. This has impli-
cations for the magnetohydrodynamics of the magnetized gas.



B Vector Map 

The Astrophysical Journal Letters, 796:L17 (6pp), 2014 November 20 Machida

37
0 

A
U 5.8 A

U

Outflow 

Pseudo-disk

(vr > 1 [km s-1])

Jet
(vr > 25 [km s-1])

Rotation-supported disk

Protostar

vr > 10 [km s-1]

vr > 70 [km s-1]

Figure 3. Three-dimensional structure at t = 266.9 yr on different scales (as specified next to the image, see movie3). The right panel is a close-up view of the box
outlined in the left panel. The low-velocity and high-velocity flows are depicted by blue and red volumes, respectively. The high density gas region, which corresponds
to the pseudo disk (left) and rotation-supported disk (right), is plotted as an orange iso-density surface. The density and velocity distributions on the x = 0, y = 0, and
z = 0 cutting planes are plotted on the corresponding wall surface. The magnetic field lines inside the z < 0 region are shown by yellow streamlines.

(An animation and a color version of this figure are available in the online journal.)
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Figure 4. Panels (a)–(c): the mass (a), momentum (b), and kinetic energy (c) of the outflowing gas against the elapsed time t. The velocity range color-code for the
outflowing gas is given in panel (c). Quantities are integrated over the velocity ranges given in panel (c). Panel (d): the accretion (blue and green) and outflow (black and
red) rates against the elapsed time t. The inflow rate is estimated on the surface of the l = 11 and l = 21 grids with a box size of L11 = 370 AU and L21 = 0.35 AU,
while the outflow rate is estimated on the l = 11 and l = 18 (L18 = 2.8 AU) grids. To extract only the high-velocity component, we integrated the outflowing gas for
vr > 50 km s−1 to estimate the outflow rate on the l = 18 grid. The grids (l = 18 for inflow and 21 for outflow) used for estimating the inflow and outflow rates near
the protostar were determined to eliminate the influence of gas circulation within the disk because the gas in the circumstellar disk sometimes moves outward with
spiral arms.
(A color version of this figure is available in the online journal.)
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Figure 1: CO 3-2 velocity channel maps of high-velocity emission from NGC3256 at 100.1 (a; upper
row) and 000.5 (b; lower row) resolutions (taken from Sakamoto et al. 2014). Red and blue contours
in each panel are respectively for a channel redshifted or blueshifted by the amount indicated in the
top-right corner from the systemic velocity 2775 km s�1 . In (a) [(b)], each channel is 104 [61] km s�1

wide and contours are at ±(22, 40, 73, 131, 235, 423, 762, 1371) mK [±152 mK ⇥(1, 2, 3, 4, 5 ,6, 7)],
where the rms noise is � = 5.6 [38] mK. Negative contours are dashed. The background grayscale
image is 0.86 mm continuum emission at the same resolution. The peak continuum intensity is 108
[237] mK. The two plus signs in each panel show the locations of the two radio nuclei, NGC3256N
and S.

Figure 2: CO 3-2 position-velocity cuts through the nuclei of NGC3256, taken from Sakamoto et al.
(2014). The three columns are (left) p.a.=270� cut through the N nucleus, (middle) p.a.=270� cut
through the S nucleus, (right) p.a.=0� cut through the midpoint of the N and S nuclei. The locations
of the two nuclei are marked with the letters N and S. The inset in each panel illustrates the cut with
respect to the two nuclei. The slit width and the data spatial resolution are both 100.1. Contours are
at ±30 mK⇥[ 1, 2, 4, 8, 16, · · ·]. Negative contours are dashed. The intensity scale bars are labeled
in kelvin. The angular resolution element is shown as a black rectangle in the bottom-left corner.
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Goldreich-Kylafis Effect Calculations

Ching et al. 2016
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Correlation of Ampere Law in HI data?
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FIG. 1. Plane-of-sky magnetic field orientation as predicted by ✓RHT (top) and ✓353 (bottom). Color maps are integrated HI
column density from v = �61.5 km s�1 to +61.5 km s�1 (NHI [cm

�2]), and dust opacity (⌧353). Planck and RHT Q and U
values are smoothed with a FWHM = 1� Gaussian kernel, then used to construct ✓353 and ✓RHT , which are visualized using
line integral convolution (LIC; [20]). The high latitude (b >⇠ 70) behavior of the ✓353 LIC pattern is due to Planck noise. White
pseudovectors represent starlight polarization angles. Galactic latitude lines lie at b = 30�, 50�, 70�, from left to right. Galactic
longitude lines lie at l = 80�, 50�, 20�, from top to bottom.

Band Feed Array Hi survey (GALFA-Hi; [19]) with the
Arecibo 305m radio antenna. GALFA-Hi has an angular
resolution of FWHM ' 40, a spectral resolution of 0.18
km s�1, and a brightness temperature noise of ⇠ 140 mK
rms per 1 km s�1 integrated channel over 13,000 deg2 of
sky. This work uses data from the forthcoming second
data release [21].

We analyze 353 GHz polarization data obtained by the
Planck satellite’s High Frequency Instrument (HFI) [18].
These data have an angular resolution of FWHM ' 50,
comparable to GALFA-Hi. We transform the Planck
data from Galactic to Equatorial coordinates [22]. For
all analyses, we apply a mask constructed from the union
of all point source masks provided for each HFI channel
in both temperature and polarization.

We additionally consider 126 optical starlight polariza-
tion measures in this region [23]. Starlight is polarized
parallel to the magnetic field by the preferential absorp-
tion of aligned grains.

We quantify the orientation of GALFA-Hi structures
using the Rolling Hough Transform (RHT), a machine
vision technique [16]. The RHT runs on image data, and
outputs R (✓), linear intensity as a function of angle, for
every pixel in the input map. For a detailed description
of the RHT we refer the reader to [16].

For this work we select a 1,278 deg2 region of the

GALFA-Hi sky. The region, which spans right ascension
195� to 265� and declination 19.1� to 38.3�, stretches
from b = 30� above the Galactic plane to b = 81.7�,
nearly Galactic zenith. We analyze this GALFA-Hi re-
gion from �13.5 km s�1 to +13.5 km s�1, binned in 3.0
km s�1 integrated velocity channels.
Linear polarization data can be fully described by ei-

ther a polarization angle  and polarized intensity P
or by the Stokes parameters Q and U , where  =
1/2 arctan(U/Q) and P 2 = Q2 + U2. We define from
the RHT output

QRHT =

Z
cos (2✓) · R (✓) d✓

URHT =

Z
sin (2✓) · R (✓) d✓, (1)

where values are calculated for each point in the image
data. We process each velocity channel with the RHT
and add the resulting QRHT and URHT maps.
We define ✓RHT = 1/2 arctan(URHT /QRHT ), an es-

timate for the orientation of the magnetic field derived
solely from Hi data. We compare this value to ✓353, a 90�

rotation of the polarization angle obtained from Q353 and
U353 (we use the IAU polarization definition). The polar-
ization angle of dust emission is conventionally taken to
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